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Abstract
Neutrinos, some of the most elusive particles in the universe are emitted in copious
numbers by core-collapse supernovae. Over the course of time, these particles create a
faint cosmic background known as the Diffuse Supernova Neutrino Background(DSNB). The
DSNB, if detected, can prove to be a powerful tool to constrain the cosmic star formation
history and place significant constraints on the core-collapse supernova physics. In this
work, we model this background field and estimate the DSNB flux in the energy range from
19 MeV to 100 MeV. We investigate the change of the spectral shape of the DSNB as the
redshift increases. We also predict the core collapse supernova rates of galaxies in the local
volume (LV),i.e. distances less than 10 Mpc and predict the number of neutrinos released
from individual supernova events from galaxies within the LV. This prediction will not only
help us resolve the DSNB but also guide the development of future neutrino surveys.
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Chapter 1
Introduction
1.1 Diffuse Extragalactic Background Radiation(DEBRA)
The diffuse extragalactic background radiation (DEBRA) is a collection of photons of
extragalactic origin with energies ranging from 10 7 eV to 100GeV (Hauser & Dwek, 2001).
As the photons comprising this radiation field are emitted over the history of the universe, a
thorough understanding is extremely desirable. The DEBRA is divided into several groups
depending on the energy of the photons and their origin. The classification of the DEBRA
from highest to lowest energies are: Diffuse extragalactic gamma-ray radiation (also known
as cosmic gamma-ray background), Cosmic X-ray background, Extragalactic background
light (which includes the cosmic optical background and the cosmic infrared background),
Cosmic microwave background and Cosmic radio background. Figure 1.1 shows a schematic
picture of the DEBRA over all the electromagnetic spectrum. In this chapter all the above
mentioned background radiation fields will be briefly discussed for completeness.
1.1.1 Cosmic gamma ray background
This is the region of the DEBRA, where the photons of the highest energies are
present. The early measurements of the Cosmic gamma ray background (CGB) came in 1978
from the work done by Fichtel et al. (1978) using the SAS-2 (Small Astronomy Satellite)
1
Figure 1.1: Schematic representation of the diffuse extragalactic (cosmic background)
radiation. (Hauser & Dwek, 2001)
in the energy range of 40MeV to 300MeV followed by the results from Sreekumar et al.
(1998) who used the Energetic Gamma Ray Experiment Telescope (EGRET). Latest CGB
measurements are obtained from the Fermi-Large Area Telescope (LAT) instrument on
board the Fermi satellite covering 100 MeV to 800 GeV. The main contribution to the
CGB comes from Active galactic nuclei (AGN), star-forming galaxies and gamma-ray bursts
(GRBs) and type 1a supernovae.
1.1.2 Cosmic X-ray background
The cosmic X-ray background (CXB) contains photons from 0.1 keV to 100MeV.
This radiation field is divided into two categories: soft and hard X-ray background, for low
and high energies. As Dominguez (2011) reports, the observations from the most recent
2
X-ray observatories such as XMM-Newton and Chandra have concluded that AGNs hosting
super-massive black holes contribute to the CXB at energies lower than ⇡ 2 keV. At energies
higher than 6 keV, an undetected population of highly absorbed AGNs contribute to the
CXB (Fabian et al., 2005). Other contributions to the CXB include supernova remnants
and hot gas in galaxy clusters.
1.1.3 Extragalactic Background Light (EBL)
The Extragalactic Background Light (EBL) is the collective radiation from stars
and interstellar dust over the lifetime of the universe. While the diffuse radiation from star
formation processes make up the cosmic optical background (COB), the re-emitted light
from interstellar dust due to absorption of photons makes the cosmic infrared background
(CIB). The photons associated with this radiation field lie in the range ⇡ 0.1 - 1000 µm.
1.1.4 Cosmic Microwave Background
The Cosmic Microwave Background (CMB) consists of the residual radiation from
the hot Big Bang (BB) which occurred 13.8 billion years ago. While the possibility of this
residual electromagnetic radiation had already been predicted by George Gamow and collab-
orators in 1946 (Bergström & Goobar, 2004), the CMB was discovered in 1965 (Bergström
& Goobar, 2004). This discovery was made by accident when Arno Penzias and Robert
Wilson picked up a radio noise that seemed to be coming uniformly from all over the sky.
They also estimated the signal to correspond to a temperature of 3.5 ± 1.0 Kelvin. Due
to the expansion of the universe, about 380,000 years after the Big Bang the universe be-
came transparent to radiation and the thermal photons were able to move freely. Presently,
the CMB has a temperature of 2.725K which makes the radiation visible in the microwave
regime of the electromagnetic spectrum. Hence the name, Cosmic Microwave Background.
Today, there are around 400 CMB photons per cubic centimeter. The Cosmic Microwave
Background has been extensively studied as it allows us to observe the early stages of the
universe at 380,000 years after the BB.
3
Figure 1.2: All sky picture of the CMB created from nine years of WMAP (Wilkinson
Microwave Anisotropy Probe) data. Credit: NASA / WMAP Science Team
(https://map.gsfc.nasa.gov/media/121238/index.html)
1.2 Neutrino Background
Electromagnetic radiation is limited to observing the early stages of the Universe up
until primordial recombination. Anything earlier than that cannot be probed using electro-
magnetic radiation due the opacity of the Universe at that stage. However, information of a
much earlier Universe can be obtained by the detection of relic neutrinos which are residual
neutrinos from the Big Bang. Similar to the CMB, these relic neutrinos from the BB also
make a background. They date back to when the universe was just one second old when
they decoupled from matter at a temperature of about 1010K. Neutrinos are very elusive
particles which have no charge and have a negligible mass. They have very low cross sections
with matter and so they travel long distances unimpeded. Due to this low interaction of
neutrinos with matter, and the low energies of the relic neutrinos due to the expansion of
the universe, detecting this background is a very difficult task. Neutrinos are also produced
in fusion reactions in stars, supernovae, AGNs and so analogous to the Diffuse extragalactic
background radiation (DEBRA), a Cosmic Neutrino Background (CNB) also exists.
4
Figure 1.3: Measured and expected fluxes of natural and reactor neutrinos. Credit: IceCube
collaboration/ NSF/ University of Wisconsin
(https://icecube.wisc.edu/masterclass/neutrinos)
1.2.1 Cosmic Neutrino Background (CNB)
The Cosmic Neutrino Background is made up of relic neutrinos from the Big Bang.
These neutrinos decoupled from matter due to weak interactions when the universe was
only one second old. While the temperature of the CMB is 2.73 K today, the Relic neutrino
background has a temperature of 1.95 K. The average density of electron-neutrinos is about
56 per cm3. These neutrinos have a very low energy, around 10 4 to 10 6 eV(Faessler et al.,
2013). Several methods have been discussed in literature to detect these relic neutrinos. The
most promising method is capturing the relic neutrinos through inverse beta decay reaction.
⌫e +
3 H!3 He + e  (1.1)
While other neutrino backgrounds are discussed in Chap.2, the Diffuse Supernova
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Neutrino Background will be discussed here.
1.2.2 The Diffuse Supernova Neutrino background
The diffuse supernova neutrino background (DSNB) is the flux of neutrinos and anti
neutrinos emitted by all the core-collapse supernovae explosions. A Core-collapse supernova
explosion is one of the most fascinating phenomena in astrophysics. These violent explosions
which signify the death of a massive star occur when the iron core of the star runs out of
nuclear fuel and collapses due to force of gravity. During the collapse the gravitational
biding energy is released via photons, shock waves and neutrinos where 99% of the energy
is released via neutrinos. The first neutrinos from beyond the solar system came from a
supernova explosion detected on February 23rd 1987. This detection opened up new doors
in astrophysics and particle physics alike as it confirmed the decades-old theories about
core-collapse supernova physics and particle physics. The supernova occurred in the Large
Magellanic Cloud (D ⇡ 51.4 kpc) and neutrinos emitted from the explosion were detected
by Kamiokande II (SK-II), Irvine-Michigan-Brookhaven(IMB) and Baksan detectors.
The neutrinos from the DSNB can be used not only to study the supernova but also
to obtain important information like cosmic star formation history(Horiuchi et al., 2017).
While a core-collapse supernovae occurring in the Milky-Way galaxy in the near future is
unlikely due to the low core-collapse supernova rates, the combined flux of the past core-
collapse supernovae can be used to model the DSNB. DSNB models exist in the literature
with flux predictions ranging from 2-54 cm 2 s 1 (Malek et al., 2003) for different energy
regions. During a supernova relic neutrino search from Super-Kamiokande detector, a 90%
C.L. upper limits were set on the total supernova neutrino fluxes for several models. Some of
these models include,the chemical evolution model by (Hartmann & Woosley, 1997), galaxy
evolution model by (Totani et al., 1996) and heavy metal abundance model by (Kaplinghat
et al., 2000a). A model-insensitive electron anti neutrino upper flux limit of 1.2 ⌫e cm 2
s 1 was set in the energy region E⌫ > 19.3 MeV (Malek et al., 2003). There are also other
models in literature such as (Ando et al., 2003),(Yüksel & Beacom, 2007)) which have their
6
neutrino flux predictions of the DSNB below the Super-Kamiokande upper limit.
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Chapter 2
Cosmic Neutrino Sources
2.1 Introduction
Apart from the relic neutrinos from the big bang other high energy processes in the
universe also generate neutrinos such as stars, supernovae, active galactic nuclei, etc. While
relic neutrinos from the Big Bang are discussed in chapter 1, other neutrino sources such as
supernovae, stars, atmospheric neutrino sources, Active Galactic Nuclei(AGN) are discussed
in this chapter.
2.2 Stellar Neutrinos
Stellar neutrinos originate inside the core of a star due to fusion reactions. These
Neutrinos are very efficient in cooling stars. Solar neutrinos were first detected by Raymond
Davis Jr (Davis et al., 1968) for which he was awarded the Nobel prize. The experiment
to detect neutrinos was conducted in the Homestake mine in South Dakota and it was
known as the Homestake experiment. However the number of detected neutrinos turned
out to be roughly one third of the predicted number inferred from stellar processes and
the Standard Solar Model (SSM). This lack of detection was dubbed the Solar Neutrino
Problem which was thought to be either due to insufficient knowledge of stellar processes
or improper detection methodology or an unexplained occurrence. It was later found that
8
the Homestake experiment was correct, but it was only sensitive to one neutrino flavor, ⌫e
(Bergström & Goobar, 2004). The electron-neutrino capture process used in the detection
was:
⌫e +
37 Cl!37 Ar + e  (2.1)
Today, neutrino detectors such as Borexino, SNO and Super-Kamiokande are able to detect
neutrinos of all flavours.
The solar neutrino problem was solved after careful study of all the types of neutrinos
released by the sun (electron, muon and tau) and their various measurements done using
individual detection experiments. It was found that the electron neutrinos on their way to
earth changed into muon and tau neutrinos that are more difficult to detect causing the
discrepancy. This change occurs due to a process called "neutrino oscillations". Neutrino
oscillation is a quantum mechanical phenomenon where a neutrino created with a specific
lepton number(flavour) changes to a neutrino with a different lepton number. Study of solar
neutrinos and their oscillations led to the understanding that neutrinos have finite mass.
The details of the nuclear reactions and the neutrino energies are shown in Table
2.1 The (hep) reaction is important to note as it provides the high energy limit of the solar
neutrino spectrum. Figure 2.1 shows the solar neutrino energy spectrum calculated using
the current solar model. The flux values are in units of cm 2 s 1 MeV 1 for continuous
spectra and cm 2 s 1 for lines.
2.3 Atmospheric Neutrinos
Atmospheric neutrinos are produced when cosmic rays(e.g. high energy protons)
interact with nuclei in the earth’s upper atmosphere. This interaction creates hadrons such
as pions and kaons. The pions decay to muons and muon neutrinos. The muons also decay
9
Figure 2.1: The Solar neutrino energy spectrum (Bahcall et al., 2005)
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Table 2.1: Nuclear reactions for solar neutrinos (Bahcall, 1989).
Reaction Neutrino Energy
p + p   ! 2H+ e+ + ⌫e 0.42 MeV
or
p + e– + p   ! 2H+ ⌫e(pep) 1.442 MeV
2H+ p   ! 3He +  
3He + 3He   ! 4He + p + p
or
3He + 4He   ! 7Be +  
or
3He + p   ! 4He + e+ + ⌫e(hep)  18.8 MeV
7Be + e–   ! 7Li + ⌫e 0.86 MeV
7Li + p   ! 4He + 4He
or
7Be + p   ! 8B+  
8B   ! 8Be* + e+ + ⌫e < 15 MeV
8Be*   ! 4He + 4He
to produce electron neutrinos(Bergström & Goobar, 2004).
p/n + N   ! ⇡+
⇡+   ! µ+ + ⌫µ
µ+   ! e+ + ⌫µ + ⌫e
(2.2)
The calculated differential spectrum of atmospheric neutrinos has a broad peak
around 0.1 GeV which corresponds to a flux of 1 cm 2s 1. At energies, E⌫ >> 1TeV,
the flux falls off as E 3.7(Bergström & Goobar, 2004). Figure 2.2 shows the measurements
of the atmospheric neutrinos along with other existing models.
2.4 Neutrinos from Supernovae
Supernovae are known to be among the most powerful sources of cosmic neutrinos
which emit neutrinos of all flavors in an extremely short time period. These events occur
when the core of a massive star collapses into a neutron star. This collapse causes a massive
11
Figure 2.2: The Atmospheric Neutrino Spectrum(Abbasi et al., 2010b).
outflow of neutrinos which constitute most of the binding energy of the star. In spite of this
massive release of MeV neutrinos, the only neutrinos from supernovae detected to date are
from supernova 1987A (SN1987A). More details about supernova neutrinos and SN1987A
are given in Chapter 3.
2.5 Blazars
Active Galactic Nuclei (AGN) are supermassive black holes accreting surrounding
dust and gas causing them to emit a highly luminous jet from their center. The AGNs with
their jets pointed towards earth are commonly known as Blazars which are observed in the
x-ray to gamma-ray wavelength regime. Blazars are also known to be flaring sources which
cause bursts of high energy gamma rays to travel towards us making them an interesting
high energy cosmic ray source.
In September 2017, a muon neutrino with energy ⇡290TeV was observed by the Ice
12
Cube neutrino observatory. This neutrino was associated with a Blazar TXS 0506+056 in its
flaring state at that time with a 3  confidence level (, 2018). Moreover archival data of the
Ice Cube observatory also suggest a lower energy neutrino detection from the same blazar in
2014, however, no gamma ray flare was associated with that event. The fact that more than
one neutrino was detected from the same source helped classify it as a valid neutrino source
(, 2018). The 2017 detection coincident with a gamma ray flare marked TXS 0506+056
suggests blazars as an important source class for extra galactic neutrinos.
Neutrino detection in SN1987A initiated multi-messenger astronomy. And TXS
0506+056 added a new class of sources in this arena.
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Chapter 3
Core-collapse Supernovae
3.1 Introduction
A Core-collapse supernova is one of the most fascinating phenomena in astrophysics.
During such an explosion an energy of about 1053 erg is released in neutrinos. These spectac-
ular explosions give birth to neutron stars and black holes. Supernovae can be divided into
two main categories. Type Ia supernovae, which occur due to the thermonuclear explosions
of accreting white dwarf stars(Woosley & Janka, 2005) and Type II,Ib,Ic supernovae which
occur when the iron core of a massive star collapses to form a neutron star or a black hole.
In this study we will focus our discussion on Type II supernovae.
3.2 Physics of Core-collapse supernovae
Stars like the Sun produce energy mainly through fusion of Hydrogen into Helium.
When hydrogen is used up, slower rates of fusion reactions occur which results in a decrease
of the radiation pressure. This decrease causes an imbalance with the gravitational force
which causes the core to contract. This process raises the temperature of the core so that
helium fusion can begin which produces carbon. For lower mass stars, the fusion processes
end at this stage leaving an electron-degenerate carbon core.
However, in massive stars (M > 8Mo), the contraction of the helium core raises the
14
temperature to the point that carbon burning takes place. Similarly neon, oxygen, silicon
burning stages take place and the process stops with the production of iron. Fusion of iron
does not release binding energy (Bergström & Goobar, 2004). Thus radiation pressure can
no longer balance the gravitational pressure and the core starts to collapse. An equilibrium is
maintained by the pressure generated by the degenerate electrons. As the density increases,
electrons capture on nuclei like 56Fe. This further accelerates the collapse since electrons
are the main source of pressure in the contracting core. Neutrinos are also released by pair
production at this stage.As the density in the core reaches around 1011 g cm 3, neutrinos
get trapped which provides some pressure to balance the gravitational pressure. However,
it is not enough to halt the collapse. When the density of the inner core increases to about
2 ⇥ 1014 g cm 3, the collapse halts and rebounds. This creates a shock wave which moves
outward from the centre. As it moves outward it disintegrates iron to protons and neutrons.
This requires a lot of energy and so the shock wave stalls. As the core reaches super nuclear
density protons fuse together to create neutrons and neutrinos through inverse-  decay
processes such as,
p + e    ! n + ⌫e  (3.1)
At this stage the star has reached the Chandrasekhar mass(1.4M ) (Bergström &
Goobar, 2004) and a proto-neutron star is formed. This proto-neutron star then experiences
Kelvin-Helmholtz evolution (Hüdepohl et al., 2010) as it contracts from 50 km to about 10
km. During this time the neutron star radiates away 99% of its binding energy in neutrinos.
The tremendous flux of neutrinos released by the creation of the neutron star, strengthens
the shock wave which eventually rips apart the star in an event called a supernova
15
The gravitational binding energy released in a core-collapse supernova explosion can
be found using the equation below,
Eb ⇡ 35
GN M2ns
Rns
(3.2)
Where, Rns andMns is the radius and the mass of the neutron star respectively. For
a neutron star of mass 1.4 M (Chandrasekhar mass) and radius 15km, the gravitational
binding energy is calculated to be, 1.60⇥ 1046J or 3⇥ 1053 erg.
Even though supernova explosions appear to be so bright and spectacular in optical
images, only 0.01 percent of the binding energy is released as light. About 1 percent is
transferred to the ejected star mantle. And 99% of the total binding energy is released via
neutrinos(Ando & Sato, 2004).
3.3 Supernova Neutrino Emission
As mentioned in the previous section, when the core collapses, almost all of its’
gravitational binding energy is released via neutrinos.
The scattering cross section of the neutrinos with neutrons;
 ⌫n ⇡ 9.48⇥ 10 48m2
✓
E⌫
1MeV
◆2
(3.3)
For a neutrino energy of 10 MeV, the cross section becomes   ⇡10 41 cm2. When
the density of the neutron star is ⇢ ⇡1011 g cm 3, with a radius of 10 km, the mean free path
is ⇡ 10 km. Thus the neutrinos in external regions of the neutron star escape. However, in
the innermost parts of the neutron star, the density is ⇢ ⇡ 10 14 g cm 3. And so the mean
free path is ⇡ 1 m and neutrinos are trapped.
The mean free path between two interactions is given by,
 (E) =
1
⌃i ni i(E)
(3.4)
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where, ni is the number density of the target particles of species i and  i is the corre-
sponding interaction cross section with neutrinos. The scattering, absorption and re-emission
induces a random-walk motion in these neutrinos and they decouple at the neutrinospheric
radius (R⌫(E)). The neutrinospheric radius is defined as the radius where the optical depth
is unity and where the neutrinos escape:
⌧⌫(E) =
Z 1
R⌫(E)
dr
 (r, E)
= 1 (3.5)
The total energy released in this diffusion process is thought to be carried away
equally by all six flavours of neutrinos and antineutrinos. However the reaction e  + p  !
⌫e + n converts the protons and electrons to neutrons producing an excess of ⌫e flux. But
this is only a 10% effect (Beacom, 2010). Thus in the model we use equipartition of energy
among all neutrino flavours.
Neutrino interaction with matter varies depending on the neutrino flavor. This leads
to different neutrino temperatures. The temperature estimate for ⌫µ, ⌫⌧ , ⌫µ and ⌫⌧ neutrinos
is T = 8 MeV; T = 5 MeV for ⌫e; and T = 4 MeV for ⌫e (Beacom, 2010).
The time integrated neutrino spectrum from the collapsing star is assumed to be
a Fermi-Dirac Distribution since they are considered to be in thermal equilibrium before
diffusing out of the neutrinosphere. The derivation of the equation is discussed in the next
chapter.
3.4 Supernova SN1987A
SN1987A (Figure 3.1) is a core-collapse supernovae which took place in the Large
Magellanic Cloud (D ⇡ 50 kpc).The neutrinos from this event was captured by Super-
Kamiokande-II (Kam-II) and Irvine-Michigan-Brookhaven (IMB) detectors(Yüksel & Bea-
com, 2007). This neutrino detection is the first and only detection of neutrinos from a
supernova. During this event, 12 neutrinos were detected in a short time scale of less than
10 seconds (discussed in the next chapter: see Figure 4.1). However these neutrinos were
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Figure 3.1: Supernova 1987A. Credit: X-ray:NASA/CXC/PSU/S.Park & D.Burrows.; Op-
tical: NASA/STScI/CfA/P.Challis
detected before the optical component of the supernova reached earth suggesting that neu-
trinos leave the star prior to the explosion. This intense outward flowing neutrino flux is
essential to revive the stalled shock that ultimately rips apart the star causing a supernova.
This detection proved that neutrinos are extremely important as an early signal to potential
supernovae and also a very reliable guidance system.
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Chapter 4
The Diffuse Supernova Neutrino
Background
4.1 Neutrino spectrum emitted from a supernova
Similar to the photons in the Cosmic Microwave Background, the supernova neutri-
nos is maintained at thermal equilibrium inside the neutrinosphere. The thermal equilibrium
spectrum for neutrinos(⌫) and antineutrinos(⌫¯) is given by the Fermi-Dirac distribution. The
mean neutrino spectrum per core-collapse is derived using1:
dN⌫(E⌫)
dE⌫
=
E⌫,tot
 ⌫T 4
⇡c
(hc)3
✓
E2⌫
(e E⌫+1
◆
(4.1)
Substituting for the Stefan-Boltzmann constant  ⌫ = 7⇡
5
120
c
(hc)3k
4, the Neutrino emis-
sion spectrum from a supernova explosion can be modified to:
dN⌫(E⌫)
dE⌫
= E⌫,tot
120
7⇡4
E2⌫
T 4(e
E⌫
T + 1)
(4.2)
where, E⌫,tot denotes the total energy released by a particular neutrino species, E⌫
1The complete derivation of the above equation is given in Appendix A.
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gives the energy of the neutrino and T gives the temperature of the neutrino in terms of
energy.
The total energy released in a supernova explosion is given by 3GM
2
ns
5Rns
. Typical
mass and radius of a neutron star is 1.4 M  and 10 km respectively. So, the total energy
released through neutrinos in a supernova explosion comes to 3.07⇥ 1053erg. If we consider
equipartition of energy, one species of neutrinos carries one sixth of this energy which is
5.12⇥ 1052 erg.
Figure 4.1 shows the energy distribution of the observed secondary positrons cre-
ated by the reaction, ⌫e + p  ! n + e+ during SN1987A. The mean energy of the electron
antineutrinos was found to be 15MeV. The mean energy of the emitted neutrinos and
anti-neutrinos are related to the temperature as 3.15 kT since these fermions are in thermal
equilibrium before they escape from the neutrinosphere. Using this relation the temperature
of the neutrino for the spectrum was calculated to be 4.76MeV.
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Figure 4.1: Neutrino events recorded by Kamiokande, Irvine Michigan Brookhaven (IMB)
and Baksan underground detectors.(Janka, 2017)
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Figure 4.2: The Neutrino spectrum from one supernova explosion.
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4.2 Modeling the Diffuse Supernova Neutrino Background.
Modelling the DSNB require an understanding of the cosmic star formation rate
(SFR), neutrino properties and even cosmology. A model of the neutrino spectrum emit-
ted from a supernova explosion is also required to estimate the flux of the DSNB. This
makes modelling the DSNB extremely beneficial for various fields of astrophysics and par-
ticle physics. The rest of the chapter lists the various components used in modeling the
DSNB, the final model and the modeled DSNB plot as a function of neutrino energy.
4.2.1 Core-Collapse Supernova Rate
The initial component that goes into modeling the DSNB is the core collapse super-
nova rate which is described as the number of supernova events occurring per year perMpc3.
Even though supernovae are rare in the Milky Way galaxy which makes an observational
measurement difficult, the Universe as a whole produces supernovae frequently making it
easier to predict the rate for a given galaxy. Since, massive stars have shorter lifetimes
on cosmological timescale, their birth rate and death rates could be taken to be the same.
Thus, to find the core collapse Supernova rate, one needs to find the Star Formation Rate
and the initial mass function in the universe discussed in the following two subsections.
4.2.1.1 Cosmic Star Formation Rate Density(SFRD)
The cosmic star formation rate density is a well studied quantity however due to
limitations of observing instruments the SFRD at higher redshifts is still not well constrained.
Due to this, different models of SFRD were used to model the DSNB in past theoretical
research work. It was found that the model of Madau & Dickinson (2014) agrees well with
the observations at higher redshifts. Madau & Dickinson (2014) describe the star formation
rate density model as,
SFRD = ⇢˙⇤(M  yr 1Mpc 3) =
(1 + z)2.7
1 +
 
1+z
2.9
 5.6 0.015 (4.3)
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Figure 4.3: The history of cosmic star formation from (a) FUV, and (b) IR, rest-frame
measurements. The Solid curve in the panels plots the best-fit SFR density in equation 4.4
(Madau & Dickinson, 2014)
Figures 4.3 and 4.4 display the Cosmic star formation obtained from Far Ultra
violet(FUV), Infrared(IR) measurements which are collectively used to define the equation
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Figure 4.4: The history of cosmic star formation from (c) FUV+IR rest-frame measurements.
The Solid curve shows the best-fit SFR density(Madau & Dickinson, 2014).
shown above.
4.2.1.2 Initial Mass Function(IMF)
The Initial Mass Function(IMF) describes the distribution of stellar masses at for-
mation. This is one of the most important functions that is frequently used in stellar and
galactic astrophysics. The first attempt at measuring the IMF was carried out by Salpeter
in 1955. For the measurement of the IMF, one could use stars in the solar neighborhood
as it gives more statistical power, or individual star clusters. Salpeter used stars in the
solar neighborhood for his measurement of the IMF. However, when determining the IMF
of massive stars, young star clusters are used (Krumholz, 2015).
Two popular Initial Mass Functions are Kroupa(2002) and Chabrier(2005). Both of
these functions fit the field star data and data from individual star clusters. For this study
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Kroupa Initial Mass Function is used. The form of the Kroupa IMF is given below:
⇠(m) / m ↵i (4.4)
where,
↵0 = 0.30± 0.70, 0.01  m < 0.08
↵1 = 0.08± 0.50, 0.08  m < 0.50
↵2 = 2.30± 0.30, 0.50  m < 1.00
↵3 = 2.30± 0.70, 1.00  m
In the above expressions, m is in units of M . ⇠(m)dm = dN gives the number of
stars in the interval m, m+ dm. Thus in order to find the number of stars in the universe,
the IMF was integrated from the lowest mass star to the highest.
Ntot =
Z mu
ml
⇠(m)dm = 1
In this study the lowest mass star is taken to be 0.01M  and the highest is 100M .This
quantity is normalized to 1. Similarly the number of stars that end up as core-collapse su-
pernovae can be found. Since the stars with mass higher than 8M  and less than 40M 
ends up as supernovae the following integration was carried out.
⇠(m) = Km ↵
FCCSN =
Z 40
8
⇠(m)dm (4.5)
It is important to note that, the ↵ value changes for different mass ranges of the
stars if Kroupa IMF is used. For the Salpeter IMF, the lowest mass of the star is 0.1M  and
highest mass is 100 M . The form of the Salpeter IMF is ⇠(m) / m 2.35. The calculated
core collapse supernova fraction using a Kroupa IMF and Salpeter IMF is 0.003 and 0.039
respectively. Which shows an order of magnitude change in the core-collapse supernova
26
fraction.
To find the core-collapse supernova rate density, the SFRD was divided by the av-
erage mass of a star and then multiplied by the core-collapse supernova fraction.
RSN (yr
 1Mpc 3) =
⇢˙⇤(z)R 100
0.01m⇥m ↵dm
⇥
Z 40
8
m ↵dm (4.6)
4.2.2 Formulation of the Diffuse Supernova Neutrino Background
The cumulative emission of neutrinos and anti-neutrinos from supernovae forms the
Diffuse Supernova Neutrino Background(DSNB). The Diffuse Supernova Neutrino back-
ground flux spectrum at earth has been calculated using the Supernova Rate Density and
the neutrino spectrum per supernova explosion.
The neutrino spectrum per supernova explosion is:
dN⌫(E⌫)
dE⌫
= E⌫,tot
120
7⇡4
E2⌫
T 4(e
E⌫
T + 1)
When photons, neutrinos travel through the vast space, their energies get redshifted
due to the expansion of the universe. So, the neutrino spectrum from a supernova has to be
corrected for the energy. The proper neutrino spectrum from a supernova explosion is:
dN⌫(E´⌫)
dE´⌫
= E⌫,tot
120
7⇡4
E´2⌫
T 4(e
E´⌫
T + 1)
(4.7)
where, E´⌫ = E⌫(1 + z) and z denotes the redshift.
Similarly a cosmological correction to account for the expansion of the universe has
to be added to the supernova rate density and to the distance from a particular supernova to
the detector. A more detailed derivation and a discussion can be found in the Appendix A.
After, correctly accounting for the expansion of the universe, the Diffuse Supernova
Neutrino Background spectrum in units of cm 2 s 1MeV 1 is:
d (E⌫)
dE⌫
=
1
Ho
Z z
0
RSN (z) (
dN⌫(E
0
⌫)
dE0⌫
) c E 1(z) dz (4.8)
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The derived DSNB flux spectrum as a function of neutrino energy in MeV is displayed
in Figure 4.5. Here, two different initial mass functions namely Salpeter and Kroupa IMF
were used in calculating the core-collapse supernova rate densities. The temperature of the
neutrino used in this plot was obtained from the observed data from SN1987A (see Chapter.
3). As seen from Figure 4.5, there’s an order of magnitude change in the differential neutrino
flux due to the use of Kroupa IMF instead of Salpeter IMF.
Figure 4.5: The DSNB integrated to a redshift of 8 using Salpeter and Kroupa initial mass
functions. The temperature used here is 4.76 MeV.
4.2.3 DSNB for varying neutrino temperatures.
The temperature of the neutrino depends on their flavour. While temperature esti-
mate for ⌫µ, ⌫⌧ , ⌫µ and ⌫⌧ neutrinos suggest T ⇡ 8 MeV, for electron neutrinos the values
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are significantly lower (T = 5 MeV for ⌫e and T = 4 MeV for ⌫e (Beacom, 2010)). If the
amount of energy contained in each flavour is assumed to be the same, the number of elec-
tron neutrinos would be much larger and their mean energies much lower in comparison to
the muon and tau flavors. This is shown in Figure 4.6
Figure 4.6: The DSNB modeled for different neutrino temperatures up to a redshift of 8. A
kroupa IMF is used in deriving the core-collapse supernova rate density.
4.2.4 DSNB integrated to different redshifts.
The present day DSNB represents neutrino production from the first population
of stars to the ones formed very recently. How important are the contributions of stellar
populations from different cosmological epochs? The earliest stars (POPIII) may have a
unique IMF due to the lack of metals at the beginning of the cosmic star formation. However,
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their contribution to the DSNB should be small because of the low star formation rate density
for z»>1 and their red shifted spectra would push the energies into the low energy band
where detection is difficult due to competing backgrounds. To evaluate how much of the
DSNB is due to supernovae within a given redshift we show in Figure 4.7 the result of
varying upper limit in equation 4.9. This exercise shows rapid convergence of the DSNB for
redshifts around the peak of the cosmic star formation history (z ⇡ 2, see Figure 4.4)
Taking into account that a detection of the DSNB is limited to the energy window E
⇡ 19-35 MeV because of dominant background outside of this window (see figure 1.3), it is
clear that the low z star formation rate dominates the detectable flux. The total integrated
neutrino flux (per electron anti neutrinos) in the detection window (19-35 MeV) is of order
⇡ 1 s 1 cm 2.
The total electron anti neutrino flux of the DSNB over the entire energy range for
each of the red shift bins is presented here. It can be seen that the majority of the DSNB
flux is generated from a red shift of 2.
Red shift bin flux (⌫e cm 2 s 1)
0-1 0.5219
1-2 0.0324
2-3 0.0005
3-4 6.02 ⇥10 6
4-5 5.75 ⇥10 8
0-8 0.5550
Table 4.1: Electron anti neutrino fluxes in different red shift bins.
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Figure 4.7: The DSNB for electron anti neutrinos (T= 4.76 MeV) integrated to different red
shifts.
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Chapter 5
Detection
5.1 Introduction
Neutrinos are very weakly interacting particles which makes them extremely difficult
to detect. It can only be detected by the particles it leaves behind after it has undergone
an interaction with another particle. Thus it would require a strong neutrino source and a
large number of target particles to detect neutrinos. There are different types of neutrino
detectors depending on the method of neutrino detection. In this chapter, the basic principle
of neutrino detection, present neutrino detectors and future neutrino detection projects are
discussed.
5.2 Cherenkov Detectors
Cherenkov Detectors or ’ring-imaging’ detectors take advantage of the phenomenon
known as ’Cherenkov’ radiation to detect neutrinos. Cherenkov radiation occurs when
charged particles like electrons or muons travel faster than light in a medium. It is known
that nothing can travel faster than the speed of light in a vacuum. In a medium like water
however, the speed of light is slowed down to about 3/4 of the speed in a vacuum. Sufficiently
energetic charged particles travel at a speed faster than the speed of light in water. This
generates an electromagnetic shock-wave which is known as the cherenkov radiation. Water
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Figure 5.1: Cherenkov emission for a charged particle.The circular wave fronts are the
emission of light along the charged track.
or ice are used as a detection medium since they are easily available. And it also provides
a large target mass increasing the number of interactions with neutrinos with matter.
The coherent emission of cherenkov radiation follows a characteristic angle which is
given by(Bergström & Goobar, 2004),
cos(✓) =
1
  n
where,   is the speed of the particle in the medium in units of speed of light.
The condition for the Cherenkov effect to take place is,
  >
1
n
The circular wave fronts shows emission of light which propagates slower than the
charged particle as shown in figure 5.1 which causes the radiation to be confined to a cone
behind the charged particle. At time t, the charged particle moves a distance  ct while the
light sphere travels a distance of ctn . Thus the angle of Cherenkov wave front is, cos(✓) =
1
 n .
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Figure 5.2: The Cherenkov light is projected as a ring on the wall of the detector and
recorded by the Photo Multiplier Tubes(PMT).
The target is embedded with light sensors and so the light cone will be detected as it hits the
target. From the ring pattern it imparts on the light sensors, the direction and the energy
of the particle is reconstructed. This is shown in figure 5.2. Depending on the shape of the
ring, particles are identified. Some of the most famous Cherenkov detectors present today
are Super-Kamiokande and Ice Cube which are briefly mentioned below.
5.2.1 Super-Kamiokande
Super-Kamiokande is a large water Cherenkov detector located at 1000m under-
ground in Kamioka, Japan. It was placed 1000m underground to provide shielding against
particles produced in cosmic ray interactions. The detector is a 50 kton cylindrical volume
of ultra-pure water. It is 41.4m high and 39.3m in diameter with 13,000 photo-multipliers
installed on the tank wall.
Due to the ultra-pure water, the detector is a proton rich environment. Thus, it is
more sensitive to electron antineutrinos (⌫e) through inverse beta decay (IBD) reaction.
⌫e + p   ! e+ + n
Kamiokande was one of the detectors which was able to record the neutrino burst
from SN1987A. And current modifications are underway which may increase the sensitivity
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Figure 5.3: A photograph of the interior of Super-Kamiokande taken during water filling.
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Figure 5.4: The IceCube Laboratory at the South Pole.
https://icecube.wisc.edu/outreach/neutrinos
to the IBD reaction.
5.2.2 Ice Cherenkov Detectors-ICECUBE
The IceCube Neutrino Observatory which uses ice as the medium instead of water
is situated in the South Pole. Its’ primary goal is to detect neutrinos from astrophysical
sources. Cosmic neutrino interactions with subatomic particles in the ice can create high
energy muons, electrons and tau particles. The Cherenkov light from these particles, are
detected by an array of Digital Optical Modules(DOMs) embedded in the ice (see Abbasi
et al., 2010a).
5.3 Scintillation Detectors
Scintillation is a chemical process where characteristic photons are emitted following
an absorption of radiation. Scintillation technique used in neutrino detection is similar to
the principle of Cherenkov detectors. The scintillator is enclosed in a large volume with
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photo sensors to detect the scintillator light. However, scintillation light is isotropic and has
low energies. Thus it could be used to detect neutrinos of lower energies although it is not
good at reconstructing the particle direction.
5.4 Upcoming Neutrino Detectors
5.4.1 SK-Gd project
It is suggested that antineutrinos could be studied more effectively if neutrons from
the inverse beta decay reaction ⌫¯e + p ! e+ + n were tagged (Beacom & Vagins, 2004).
This could be achieved by the addition of 0.2% gadolinium sulphate(Gd2(SO4)3) to the
water. Currently the inverse beta decay reaction has only the Cherenkov signal produced
by the positron. The neutrons released in the reaction combine with protons and emit a
2.2 MeV gamma ray which is hard to detect. The cross section of thermal neutron capture
on gadolinium is 49000 barn. Neutron capture on 155Gd and 157Gd emit 8.5 MeV and 7.9
MeV gamma rays respectively which is much more efficient to detect than a 2.2 MeV gamma
ray. This would reduce the background restricting the detection of supernova relic neutrinos
(Nakahata, 2015) and also enable to identify electron neutrinos from electron antineutrinos
(Xu, 2016).
Addition of Gd to Super-K is currently under study with EGADS(Evaluating Gadolin-
ium’s Action on Detector Systems) project (Hyper-Kamiokande Working Group et al., 2014).
5.4.2 Hyper Kamionkande
Hyper-Kamiokande will be the next generation neutrino detector designed for a
wide variety of neutrino studies. It contains a total water mass of 1 Mton which is 25 times
that of Super-Kamiokande. Hyper-Kamiokande is expected to observe atmospheric and
solar neutrinos, proton decays, and neutrinos from other astrophysical origin. Dissolving
gadolinium sulfate in water for efficient neutron tagging has been suggested to enhance
Hyper-K’s capability. If successful, this would place important implications on reactor, solar,
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supernova, atmospheric and accelerator neutrinos. Also this could lead to the detection of
the diffuse supernova neutrino background.
Hyper-K is expected to commence data taking in 2025.
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Chapter 6
Supernova Neutrinos in the Local
Volume
6.1 Introduction
The first detection of supernova neutrinos in the local universe (d < 10Mpc)occurred
on Feb 23rd 1987. This single event was able to provide new physical insight on progenitor
stars, explosion mechanisms, stellar evolution and even astro particle physics. As mentioned
in the previous chapters, this was the first time neutrinos were detected from a supernova.
In this chapter, we predict the supernova rates and fluence of galaxies in the local
universe.
6.2 The Local Volume
The galaxies in the local volume limited by a radius of D=10 Mpc is considered in
this study. The Nearby Galaxy Catalog by Karachentsev et.al(Karachentsev et al., 2013)
which was used in this study presents 869 nearby galaxies. 790 galaxies were found within
a 10 Mpc volume.
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6.3 Neutrino Fluence on earth
The neutrino flux integrated over time is called the Fluence. To calculate the
fluence, the time integrated neutrino spectrum for one neutrino species was used. This
spectrum was integrated from 0 MeV to 100 MeV to calculate the total number of neutrinos
of a particular type released in a core-collapse supernova. The temperature of each type of
neutrinos is taken to be close to T⌫ = 4 MeV.
N⌫ =
Z 100
0
E⌫,tot
120
7⇡4
E2⌫
T 4(e
E⌫
T + 1)
dE⌫ = 2⇥ 1057 (6.1)
where, E⌫,tot is 5.12⇥ 1052 erg.
These neutrinos distribute on the surface of a sphere with an area S = 4⇡D2. Where,
D is the distance from the earth to the supernova event. Therefore, the fluence is,
F⌫(cm
 2) =
N⌫
S
(6.2)
6.4 Supernova Rates
The supernova rates of galaxies in the local volume was found using two meth-
ods. One method was using the B band magnitudes of galaxies provided in the paper by
Karanchentsev et. al. (Karachentsev et al., 2013) and the supernova rates provided in the
paper by Li. et. al(Filippenko et al., 2011). The other method was to use the H↵magnitudes
of the galaxies.
6.4.1 Supernova rates using B band magnitudes
Supernova rates of the galaxies in the local volume was found using the B band
magnitudes provided in the paper by Karanchentsev et. al. (Karachentsev et al., 2013).
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Hubble type SNuB
E 0.000 +0.014 0.000
SO 0.020 +0.015 0.009
Sab 0.266 +0.047 0.041
Sb 0.282 +0.043 0.037
Sbc 0.466 +0.058 0.052
Sc 0.649 +0.088 0.078
Scd 0.695 +0.097 0.086
Irr 0.431 +0.291 0.086
Table 6.1: The SN rates in average galaxies of different hubble types(Filippenko et al., 2011)
The Luminosity of a galaxy in the B band was found using the following equation.
L(B) = 100.4(Mo M
c
B)L (B) (6.3)
where, M  = 5.48 is the absolute magnitude of the sun in the B band. M cB is the
absolute B-band magnitude of galaxies corrected for Galactic and Internal extinction. And
L (B) is the solar luminosity in the B-band.
The Supernova rates used in the following calculations are obtained from paper
"Nearby supernova rates from the Lick Observatory Supernova Search – III. The rate–size
relation, and the rates as a function of galaxy Hubble type and colour" by Weidong Li
et.al(2011)(Filippenko et al., 2011).
The Supernova rates have the units of one SN per 100 yr per 1010L (B). Different
rates were used depending on the morphology of the galaxy. Since, we are only considering
the CCSN events, the supernova rates for Type -II supernovae are used and their values are
given in the Table 6.1. The rates are labeled as SNuB which have the units of one SN per
100 yr per 1010 L (B).
The morphological type of galaxy in the numerical code according to De Vau-
couleurs classification is given in Karachentsev et.al (Karachentsev et al., 2013). These
numerical values were used with the supernova rates given in Table 6.1 to find the SNuB
values for each galaxy type. Table 6.2 shows the numerical hubble stages and the approxi-
mate Hubble class.
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Hubble stage Vaucouleurs class approximate Hubble class
-6 cE
-5 E E
-4 E+
-3 SO 
-2 SOo SO
-1 SO+
0 SO/a SO/a
1 Sa Sa
2 Sab Sa-b
3 Sb Sb
4 Sbc Sb-c
5 Sc
6 Scd Sc
7 Sd
8 Sdm Sc-Irr
9 Sm
10 Im Irr I
Table 6.2: De Vaucouleurs numerical values of different galaxy types and their approximate
hubble class.
The Supernova rates per year of the galaxies was then found by multiplying the
SNuB value by the Luminosity of the Galaxy in the B-band.
RSN (yr
 1) = SNuB⇥ L(B)
(100 yr)(1010 L (B))
(6.4)
6.4.2 Supernova rates using the H↵ magnitudes of galaxies
The corrected integral flux in the H↵ line was used to find the supernova rates of
galaxies as a second method. The following equation was used to obtain the integral flux in
the H↵ line.
mH↵ =  2.5 log(FH↵)  13.64 (6.5)
where, mH↵ is the integral magnitude of the galaxy in the H↵ line. FH↵ is the
integral flux in the H↵ line in units of erg cm 2 s 1.
The Integral Flux have to be corrected for Galactic and Internal extinction. Atten-
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uation correction for H↵ line is then given by(Karachentsev et al., 2013):
A(H↵) = 0.538(A
G
B +A
i
B) (6.6)
where, AGB is the Galactic extinction in the B band and AiB is the Internal extinction
in the galaxies in the B band.
The Integral Magnitude of the H↵ line is corrected for extinction as,
mcH↵ = mH↵   0.538(AGB +AiB) (6.7)
The corrected Integral Flux in the H↵ line is then calculated and shown below.
F cH↵ = 10
  (m
c
H↵+13.64)
2.5 [erg cm 2 s 1] (6.8)
The Star Formation Rate(SFR) in a galaxy was then found using the relation(Karachentsev
et al., 2013):
SFR(M yr 1) = 0.945⇥ 109 FcH↵D2 (6.9)
where, D is the distance in Mpc and F cH↵ is the corrected integral flux in the H↵
line.
Using the Initial Mass Function by Kroupa, the Supernova rate(RSN ) was calculated.
6.4.3 Comparison of supernova rates
The supernova rates obtained using the two above mentioned methods are compared.
For this comparison a total of 459 galaxies were used.
A slope of 0.93 was obtained from the graph which shows similarity between the
supernova rates obtained from the two methods discussed above. Due to the lack of data
for the magnitudes of the H↵ line, B band magnitudes were used for further study.
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Figure 6.1: Comparison of supernova rates of galaxies in the local volume. 459 galaxies were
used in this graph.
6.5 Projection of galaxies in the local volume
The distribution of galaxies in the local volume, their neutrino fluence and core-
collapse supernova rates were displayed on an aitoff plot which is shown in Figure 6.2.
Present neutrino detectors pose a challenge in localizing neutrino sources. For an
example, while the angular diameter of the sun is 0.5 degrees, a neutrino image of the
sun shows an angular diameter of 60 degrees (see Figure 6.3). As our object of interest
are neutrinos released from core-collapse supernovae detected in the MeV regime, a better
method to localize any observed neutrino sources is required. We propose a novel way to
localize these neutrinos by making use of the aitoff projection seen in Figure 6.2 which shows
the position, core-collapse supernova rates and neutrino fluence of 790 galaxies in the local
volume.
For any future supernova neutrino detection, a combined use of this plot along with
the observed neutrino detection will help us shortlist possible galaxies which could be the
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Figure 6.2: Distribution of Local Volume galaxies. A total of 790 galaxies are included in
the plot. The distances are indicated in color and the size of the markers show the fluence
of each galaxy.
source of this detection. Using follow-up detection in the electromagnetic spectrum will
allow us not only to pinpoint the source of the neutrinos but also catch a core collapse
supernova in its’ early stages.
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Figure 6.3: Neutrino Image of the Sun.(B. McDonald et al., 2003)
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Chapter 7
Conclusions
A model depicting the evolution of the Diffuse Supernova Neutrino Background
(DSNB) is presented in Chapter 4. This model is based on Star Formation Rate Density
(SFRD) by Madau & Dickinson (2014) and the Initial Mass Function (IMF) by Kroupa
(2001). The Fermi-Dirac spectra used in the study require a single temperature parameter
for which we used T= 4.76 MeV for the electron antineutrinos. The DSNB model described
in this study predicts a neutrino flux of 0.57 cm 2 s 1 for the electron antineutrinos, for
energies integrated above the threshold of E⌫e > 19.3 MeV. The Super-Kamiokande (SK)
limit of 1.2 ⌫e cm 2 s 1 (90% C.L) was set for the DSNB flux above the threshold of 19.3
MeV (Malek et al., 2003). The DSNB flux obtained by the model in this study is below the
SK upper limit by only a factor of 2. Improved detector technology (see previous Chapter)
is therefore expected to yield a detection in the foreseeable future.
Various predictions for the DSNB were reviewed by (Ando & Sato, 2004), indicating
that most model flux predictions are similar to the value we find in this study. For com-
pleteness, we mention other DSNB predictions based on a galaxy evolution model (Totani
et al., 1996), cosmic chemical evolution model (Hartmann &Woosley, 1997) and heavy metal
abundances (Kaplinghat et al., 2000b). Totani et al. (1996); Hartmann & Woosley (1997)
estimate a flux of 0.41 ⌫e cm 2 s 1 and 0.39 ⌫e cm 2 s 1 respectively which is several factors
lower than the flux prediction of this model. Kaplinghat et al. (2000b) estimates a flux of
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2.2 ⌫e cm 2 s 1 which is much higher than our prediction. The DSNB model by Yüksel &
Beacom (2007) is based on a different star formation rate density (SFRD) and IMF than
what was used in this study, resulting in fluxes still similar to the one reported here.
As described in chap 4, the DSNB was modeled for different neutrino temperatures.
Different neutrino flavours have different temperatures when they are at thermal equilibrium
in the neutrino sphere. In the future, with the gadolinium enhanced Super-Kamiokande, the
detection of the DSNB will be possible (Horiuchi et al., 2009). By comparing the different
models obtained in this study for different neutrino temperatures with the observed DSNB
in the future, an estimate for the average temperature of core-collapse neutrinos can be
obtained.
The evolution of the DSNB with redshift is also discussed in Chap.4.These results
show that the majority of the contribution to the DSNB comes from core-collapse supernovae
neutrinos within a redshift of 2. We also see rapid convergence of the DSNB for redshifts
around the peak of the cosmic star formation history (z ⇡ 2, see Figure 4.4). A shift in
the peak of the DSNB spectrum is also seen as the red shift increases. This is due to the
cosmological effects in relation to the expansion of the universe.
With the proposed advancements in detection technology, the distance range of
future neutrino detectors will be about 10 Mpc (Ando et al., 2005). In Chap.7, the galaxies
in the local volume (d<10 Mpc) obtained from the galaxy catalog by Karachentsev et al.
(2013) was used to investigate individual neutrino bursts. The core-collapse supernova rates
of these galaxies were calculated using the absolute B band magnitude of each galaxy and its’
morphological type Filippenko et al. (2011). The total calculated core-collapse supernova
rate within 10 Mpc is about 1 per year, consistent with the results in Ando et al. (2005).
In an event of a MeV neutrino detection by neutrino detectors, the aitoff projection of
the galaxies in the local volume (d<10 Mpc) can be used to short list the galaxies with
the highest probability to undergo a core-collapse supernova. This method can be used to
localize the event and observe the core-collapse supernova at its’ very early stages.
A future, all sky survey, sustained over a decade would generate a few events for
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which hundreds to thousands of neutrinos would be recorded, enabling detailed studies of
neutrino production in core-collapse supernovae. An even larger yield would of course result
in a galactic supernova (at a typical distance of ⇡ 10 kpc), but given a galactic supernova
rate of a few per century we may have to wait for a long time to utilize neutrinos for core-
collapse studies. Detectors must push beyond the local volume to create sufficient event rates
with neutrino counts significantly larger than what was obtained for a supernova 1987A.
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Appendix A Derivations
Chapter 4
A.1 Neutrino Spectrum from a supernova explosion
Neutrinos inside the neutron star is in thermal equilibrium before it diffuses out of
the neutrino sphere. In order to model the Neutrino spectrum from a supernova explosion,
a statistical method is used.
A.1.1 Calculating the number density of neutrinos
The 6N dimensional phase space can be subdivided into volume elements of d3Nqand
d3Np. The total phase space volume is then:
! =
Z
d3Nq d3Np (1)
Here, q, p and N stands for coordinates, momenta and number of particles respec-
tively.The volume accompanied by one state is h3N . Thus the total number of states is given
by:
⌃ =
1
h3N
Z
d3Nq d3Np (2)
For one particle, N = 1
⌃ =
Z Z
d3Nq d3Np =
V
h3
4⇡
p3
3
(3)
for ultra relativistic particles, E = pc
⌃ =
V
h3
4⇡
3
✓
E
c
◆3
(4)
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The density of states (mean number of states per energy interval E,E + dE:
g(E) =
@⌃
@E
=
4⇡V E2
(hc)3
(5)
Neutrinos are fermions and so has a spin of 1/2 which results in 2s+ 1 spin states.
Neutrinos with spin in the opposite direction of its’ linear momentum are called ’left-handed’.
Anti-neutrinos have the spin in the same direction as the linear momentum and this is
referred to as ’right-handed’.Thus for one species of neutrinos the spin degeneracy factor is
1. So the density of states should be multiplied by one.
the mean occupation number for a fermion is given by,
< nE >=
1
e E + 1
(6)
Assuming a chemical potential of zero, the number of neutrinos in the energy interval
E to E + dE is,
dN(E) =< nE > g(E)dE =
⇡V
(hc)3
(E)2
1
e E + 1
dE (7)
the number density of neutrinos in the energy interval is then given by,
dnE
dE
=
4⇡
(hc)3
(E)2
✓
1
e E + 1
◆
(8)
A.1.2 Neutrino escape rate
Consider neutrinos in a thermal equilibrium inside the neutrino sphere. Each par-
ticle has a velocity vector ~v which changes with time. Thus a velocity distribution(f(~v)) is
introduced that does not change with time in thermodynamic equilibrium(Greiner et al.,
2019).
The number of particles dN(~v) in the velocity interval d(~v) is;
dN = Nf(~v)d3~v (9)
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where, f(~v) is the velocity distribution which is normalized to 1.
Figure 1: Diagram showing particles inside a container.Greiner et al. (2019)
Consider particles inside a box as shown in figure 1. Assume z-axis to be perpendic-
ular to the area A. The number of particles with velocity ~v inside the parallelpiped is;
dN = N
dV
V
f(~v)d3~v (10)
dV/V is the fraction of the total volume occupied by the parallelepiped. The volume
occupied by the parallelepiped is dV = Avzdt.
The number of particles which hits a surface element dA with velocity ~v is;
d5N =
N
V
vzdtdAf(~v)d
3~v (11)
Consider the figure 2. The particles that hit the surface element dA, leave the
container. The number of particles leaving the container is given by equation 11. The rate
at which particles leave the container is then given by,
< = d
2N
dtdA
=
N
V
Z +1
 1
dvx
Z +1
 1
dvy
Z +1
 1
dvzvzf(~v) (12)
Substituting spherical polar coordinates and keeping in mind that vz > 0 and so ✓
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Figure 2: Particles contained in a box with a small opening.Greiner et al. (2019)
is restricted to the angular interval 0  ⇡/2;
< = N
V
Z 1
0
v3f(v)dv
Z ⇡/2
0
sin(✓)d(sin(✓))d✓
Z 2⇡
0
d  (13)
< = N
V
⇡
Z 1
0
v3f(v)dv (14)
The distribution of absolute values of the velocity is given by;
F (v) = 4⇡v2f(~v) (15)
The mean absolute value of the velocity(|~v|) is defined as,
< v >=
Z 1
0
F (v) v dv (16)
Thus using equation 14 and 16;
< = N
4V
< v > (17)
Consider neutrinos escaping from a small cavity of area dA in the neutrino sphere.The
Rate at which the neutrinos with energy E leave the cavity is;
< = d
2N
dt dA
=
< v >
4
N
V
=
< v >
4
n (18)
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Here, < v >= c, since neutrinos are traveling at the speed of light. Then differenti-
ating both sides by dE we get,
<" = d
3N
dt dE dA
=
c
4
dnE
dE
=
⇡c
(hc)3
E2
e E + 1
(19)
The neutrinos are coming from the star and by integrating over the whole area we
get,
d2N
dt dE
=
⇡c
(hc)3
✓
E2
e E + 1
◆
4⇡R2 (20)
where, R denotes the radius of the neutrino sphere.
Integrating the above equation with the burst time we get,
dN
dE
=
⇡c
(hc)3
✓
E2
e E + 1
◆
4⇡R2 ⌧ (21)
For a particular neutrino species, the neutrino emission spectrum would then be,
dN⌫(E⌫)
dE⌫
=
⇡c
(hc)3
✓
E2⌫
e E⌫ + 1
◆
4⇡R2 ⌧ (22)
The total energy released in a supernova explosion is given by,
Etot =
3GM2
5R
= 3⇥ 1053ergs (23)
Luminosity can be written as,
L = 4⇡R2 ⌫T
4 =
Etot
⌧
(24)
where,  ⌫ denotes the Stefan-Boltzmann constant for neutrinos.
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A.1.3 Derivation of the Stefan constant for neutrinos
The total energy of the neutrinos can be calculated using the following equation,
U =
Z 1
0
(
E
e E + 1
) g(E)dE (25)
=
Z 1
0
E
e E + 1
(
4⇡V
(hc)3
)E2dE
The energy density can be written as,
U
V
=
4⇡
(hc)3
Z 1
0
E3
e E + 1
dE
Substituting x = EkT , we get,
u =
4⇡
(hc)3
Z 1
0
(xkT )3
ex + 1
kTdx =
4⇡
(hc)3
Z 1
0
x3
ex + 1
dx
Consider the following integral,
I =
Z 1
0
x3
ex + 1
dx
The solution to the above integral is given by Riemann zeta function and a Gamma
function.
I = (1  1
23
)⇣(4) (4) =
7
8
(
⇡4
90
)⇥ 3! = 7⇡
4
120
so,
u =
4⇡(kT )4
(hc)3
⇥ 7⇡
4
120
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using the relation u = 4 ⌫T 4c , we can find the Stefan-Boltzman constant for neutrinos.
 ⌫ =
7⇡5
120
c
(hc)3
k4 (26)
A.1.4 Supernova neutrino spectrum from a supernova
Combining the Stefan-Boltzmann constant with the neutrino spectrum obtained in
the preceding section;
dN⌫(E⌫)
dE⌫
=
E⌫,tot
 ⌫T 4
⇡c
(hc)3
✓
E2⌫
e E⌫ + 1
◆
substituting for  ⌫ , the Neutrino emission spectrum from a supernova explosion can
be obtained and is given below.
dN⌫(E⌫)
dE⌫
= E⌫,tot
120
7⇡4
E2⌫
T 4(e
E⌫
T + 1)
(27)
where, E⌫,tot denotes the total energy released by a particular neutrino species. E⌫
gives the energy of the neutrino and T gives the temperature of the neutrino given in terms
of energy.
A.2 Derivation of the Diffuse Supernova Neutrino Background
The Diffuse Supernova Neutrino background is modeled by combining the core-
collapse supernova rate(RSN (z)) obtained by the star formation rate density and Kroupa
initial mass function described in Chap.3 and mean neutrino spectrum per core-collapse
supernova.
The Supernova neutrino flux spectrum at earth;
d (E⌫)
dE⌫
=
Z 1
0
RSN (z) (
dN⌫(E
0
⌫)
dE0⌫
) dVc
4⇡D2R
(28)
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where, DR and Vc denote the comoving distance and the comoving volume respec-
tively. The supernova rate density is denoted by RSN (z) which has the units of yr 1Mpc 1
and the neutrino spectrum per supernova explosion is denoted by dN⌫(E
0
⌫)
dE0⌫
which has units
of MeV 1
Due to the expansion of the universe, cosmological corrections have to be added to
the above equation. For an example consider the supernova rate density, RSN (z) which is
obtained by the comoving star formation rate density and the initial mass function. Thus
RSN has to be multiplied by (1+z) due to the time dilation and also it should be multiplied
by (1 + z)3 to account for the density change due to the expansion of the universe.
Thus we get,
d (E⌫)
dE⌫
=
Z 1
0
RSN (z) (1 + z) 1 (1 + z)3 (dN⌫(E
0
⌫)
dE0⌫
) (1 + z) dVc
4⇡D2R
(29)
We use the relations by (Hogg, 1999),
DL(z) = (1 + z)DR(z) (30)
where, DL is the luminosity distance.
dVc = 4⇡(
c
Ho
)3 y(z)2(1 + z) 3E 1(z) dz (31)
where, Ho = 67.31 km s 1Mpc 1 is the Hubble constant. We define the E function
as,
E(z) =
p
⌦m(1 + z)3 + ⌦⇤ (32)
⌦m = 0.685 and ⌦⇤ = 0.315 are the energy density parameters for matter and the
cosmological constant. These parameters are obtained from (Planck Collaboration et al.,
58
2016). The y(z) function is defined as,
y(z) = DH
Z z
0
dz0
E(z0)
(33)
where, DH is the Hubble distance.
By using the above relations we get,
d (E⌫)
dE⌫
=
Z z
0
RSN (z) (1 + z) 1 (1 + z)3 (dN⌫(E
0
⌫)
dE0⌫
) (1 + z) 4⇡( cHo )
3 y(z)2(1 + z) 3E 1(z) dz
4⇡D2L
(1+z)2
(34)
then we get,
d (E⌫)
dE⌫
=
Z z
0
RSN (z) (
dN⌫(E
0
⌫)
dE0⌫
) (1 + z) 4⇡( cHo )
3 y(z)2 E 1(z) dz
4⇡D2L
(1+z)
(35)
using the relation, dzdt =  Ho(1 + z)E(z) we obtain,
E 1(z) = Ho
dt
dz
(1 + z) (36)
The luminosity distance is given by,
DL(z) =
c
Ho
y(z) (1 + z) (37)
d (E⌫)
dE⌫
=
Z z
0
RSN (z) (
dN⌫(E
0
⌫)
dE0⌫
) (1 + z) ( cHo )
3 y(z)2 Ho
dt
dz (1 + z)dz
1
(1+z)(
c
Ho
)2y(z)2(1 + z)2
(38)
The supernova neutrino background flux spectrum measured at earth is then given
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by in units of cm 2s 1MeV 1,
d (E⌫)
dE⌫
=
Z z
0
RSN (z) (1 + z) (
dN⌫(E
0
⌫)
dE0⌫
) c
dt
dz
dz (39)
where, E0⌫ = E⌫(1 + z).
Using the time and redshift relationship shown in equation 36, the Diffuse Supernova
Neutrino Spectrum is obtained.
d (E⌫)
dE⌫
=
1
Ho
Z z
0
RSN (z) (
dN⌫(E
0
⌫)
dE0⌫
) c E 1(z) dz (40)
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